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Using a semi-analytic model of non-linear diffusive shock acceleration, we model the total spec-
trum of cosmic ray (CR) electrons accelerated by supernova remnants (SNRs). Because electrons
experience synchrotron losses in the amplified magnetic fields characteristic of SNRs, they exhibit
substantially steeper spectra than protons. In particular, we find that the difference between the
electron and proton spectral index (power law slope) ranges from 0.1 to 0.4. Our findings must be
reckoned with theories of Galactic CR transport, which often assume that electrons and protons
are injected with the same slope, and may especially have implications for the observed “positron

excess.”

Introduction.— Developing a complete paradigm for
the origin of Galactic cosmic rays (CRs) with energies
up to ~ 10® GeV requires a detailed understanding of
their acceleration and propagation. The best source
candidates for such acceleration are supernova remnants
(SNRs), which provide sufficient energetics and an effi-
cient acceleration mechanism [1, 2]. Namely, particles
are scattered by magnetic field perturbations, resulting
in diffusion across the SNR forward shock and an energy
gain with each crossing [3-7]. This mechanism, known as
diffusive shock acceleration (DSA), predicts power law
energy distributions of CRs, o E~9, where ¢ depends
only on the shock dynamics and ¢ — 2 for strong shocks.

Once accelerated, CR protons and electrons diffuse
through the Galaxy such that their spectrum is modified
by escape from the Galaxy and, in the case of electrons,
energy losses due to synchrotron and inverse-Compton
scattering. Moreover, CR protons interact with protons
in the interstellar medium (ISM) to produce secondary
particles, most notably positrons and antiprotons. Thus,
in this standard picture, one would expect the positron
and antiproton spectra to follow that of their parent pro-
tons, modulo effects due to their subsequent escape and
energy loss.

To put this analysis into more quantitative terms, con-
sider CR protons and electrons injected by SNRs with
spectra o« E~% and o< E~9%, respectively. In the stan-
dard paradigm for CR transport, the Galactic residence
time of these particles scales as F~9, with § ~ 0.2 — 0.4
[e.g., 8, 9]. Thus, we would expect the observed proton
spectrum to go as E— (%19 Leptons also experience en-
ergy losses due interactions with the Galactic magnetic
field (synchrotron) and radiation fields (inverse Comp-
ton). We therefore expect N, oc E~(@+8) where g > 6§
reflects the effective spectral steepening due to a com-
bination of escape and energy loss. Assuming positrons
and antiprotons are secondaries produced in interactions
between CR and ISM protons, the positron spectrum
should scale as E~(4»T9+5) and the antiproton spectrum
as B (ap+20)

A notable observation that appears to be in conflict
with this paradigm is the “positron excess” observed
by PAMELA [10] and AMS-02 [11]. Both collabora-

tions report a positron fraction, x = ®.+/(Pe- + Pt )
where ¢+ and ®,- are the positron and electron fluxes,
that rises with energy. In the picture described above,
X~ @4 /O, oc E-(@~9+9) Thus, under the standard
assumption that ¢, = g., x E~9 and should decrease
with energy [see, e.g., 12, for a thorough review].

This discrepancy may be at least partially resolved if
electrons are injected into the Galaxy with a steeper spec-
trum than protons (i.e., ge > ¢p). Such steepening is
physically motivated, as electrons experience synchrotron
losses during the acceleration process. Although the life-
time of a typical SNR is much shorter than the CR galac-
tic residence time, CR acceleration leads to magnetic field
amplification [6, 13-15], producing magnetic fields hun-
dreds of times stronger than that of the Galaxy [e.g.,
16, 17]. The result is that the synchrotron loss time in
SNRs is generally shorter than the DSA timescale and
the effects of synchrotron emission are non-negligible.

In this Letter, we use a semi-analytic model based on
the solution of the Parker equation for the CR trans-
port to calculate the CR proton and electron spectrum
accelerated by typical SNRs, accounting for the effects
of magnetic field amplification. We then use these spec-
tra to estimate ¢, and ¢,. This work represents the
first calculation of the CR electron acceleration
spectrum that self-consistently accounts for mag-
netic field amplification and thus the resulting
synchrotron losses that take place within SNRs
[see, e.g., 18, 19, for examples of previous esti-
mates]. Our findings may have significant bearing on
CR propagation models and the interpretation of obser-
vations such as the “positron excess.”

Let us now introduce the formalism that we use to
model SNR evolution and CR acceleration.

Remnant Evolution— SNRs are evolved using the for-
malism described in [20]. More specifically, SNR evo-
lution can be understood in terms of four stages: the
ejecta-dominated stage, in which the mass of the swept-
up ambient medium is less than that of the SN ejecta,
the Sedov stage, in which the swept-up mass dominates
the total mass and the SNR expands adiabatically, the
pressure-driven snowplow, in which the remnant cools
due to forbidden atomic transitions but continues to ex-



pand because its internal pressure exceeds the ambient
pressure, and, finally, the momentum-driven snowplow,
in which the internal pressure falls below the ambient
pressure and expansion continues due to momentum con-
servation.

While we model SNRs through the end of the pressure-
driven snowplow, the majority of CRs are accelerated
during the transition between the ejecta-dominated and
Sedov stages. The DSA timescale for CRs of energy
E = E,,.x is given by mpga = D/vfh where D is the dif-
fusion coefficient and vy, is the shock speed. Assuming
Bohm diffusion [21], D(E) « r1, ~ E/Bs where ry, is the
Larmor radius and Bs is the post-shock magnetic field.
Thus, Emax ~ B2v} t and, during the ejecta dominated
stage characterized by roughly constant velocity, Fiax
increases. During the Sedov stage, the shock slows down
such that vg, o t=3/ ® meaning that E.« decreases with
time, i.e., Emax o< Bo(t)t~1/% [22, 23]. Our results are
therefore most sensitive to the adiabatic SNR stages.

To model SNR evolution, we use the analytical approx-
imation for the ejecta dominated stage presented in [24].
Once the swept up mass exceeds the ejecta mass and the
Sedov stage begins, we transition to the thin-shell ap-
proximation, in which we assume that most of the mass
resides in a thin layer that expands due to pressure in
the hot cavity behind it [25-27].

All SNRs are assumed to eject My = 1Mg (1 so-
lar mass) with Esxy = 10°%erg into a uniform ambient
medium of density nisy € [1072,101] em=3.

Proton Acceleration—Instantaneous proton spectra
are calculated using the Cosmic Ray Analytical Fast
Tool (CRAFT) a semi-analytical formalism described in
[28, 29] and references therein [in particular, 30, 31].
CRAFT self-consistently solves the diffusion-convection
equation [e.g., 13] for the transport of non-thermal par-
ticles in a quasi-parallel, non-relativistic shock, including
the dynamical backreaction of accelerated particles and
of CR-generated magnetic turbulence. CRAFT is quick
and versatile, but achieves the same degree of accuracy
as Monte Carlo and numerical methods [32].

Particles are injected into the acceleration mechanism
following the prescription in [33], namely that ions with
momentum greater than &yn; (~ a few) times the post-
shock thermal momentum are promoted to CRs [“ther-
mal leakage,” see 34, 35]. While kinetic simulations
show that protons are injected via specular reflection
and shock drift pre-acceleration rather than via ther-
mal leakage [36], such a prescription is calibrated with
self-consistent kinetic simulations to ensure continuity
between the thermal and non-thermal distributions [37].
&inj can be mapped onto 7, the fraction of particles cross-
ing the shock injected into DSA, via
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where Rgyp, is the subshock compression ratio (i.e., the

ratio of the density immediately behind the shock to that
immediately in front of it) [33]. In this analysis, &y,; (and
thus n) is left as a free parameter, which allows us to span
a range of shocks where CRs are either test-particles or
dynamically important.

Once the proton spectrum has been calculated at
each timestep of SNR evolution, particle momenta are
weighted by 1/L(tg,t) and spectra are summed, with
L(tp,t) > 1 accounting for adiabatic losses [see 2, 38, for
more details]. Thus, we obtain a cumulative spectrum
over the lifetime of the SNR. More specifically, L(to,t)
can be written in terms of the time-dependent decom-
pression of a fluid element with initial density p(tg) = po.
Since p7(t) oc v3, (t),

Lito.t) = [p(t)/ pol'/* = [oan () fosn(t0)] . ()

where 4/3 < v < 5/3 is the adiabatic index of the plasma
and CRs [e.g., 2, 20].

Magnetic Field Amplification—The propagation of en-
ergetic particles ahead of the shock is expected to ex-
cite different flavors of streaming instability [6, 14, 15],
driving magnetic field amplification and enhancing CR
diffusion [21, 39]. The result is magnetic field perturba-
tions with magnitudes that can exceed that of the ordered
background magnetic field. This magnetic field amplifi-
cation has been inferred via the X-ray emission of many
young SNRs, which exhibit narrow X-ray rims due to
synchrotron losses by relativistic electrons [e.g., 40-43].

We model magnetic field amplification as in [17, 29].
Here, we assume that the pressure in Alfvén waves sat-
urates at Py ~ P../(2My), where P, and P, are the
pressures in Alfvén waves and CRs normalized to the ram
pressure pismvs, and Ma = vgn/va = vsnv/4mpism/B
is the Alfvénic Mach number calculated in the ampli-
fied magnetic field. In the limit in which the fluid and
Alfvénic Mach numbers > 1, we obtain
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Py(x) =
where u(x) is the fluid velocity normalized to vg,. Fol-
lowing the prescription described in [38], we find an ex-
pression for the magnetic field in front of the shock,

V4T P1Uq Vsh P.,1(2—- P, 3/2
B, = VTP \/WPISMUsh’l(—J) )
MA71 1-— Pcr,l

(4)
where the subscript 1 denotes quantities immediately in
front of the shock. Behind the shock (denoted with sub-
scrlpt 2), the magnetic field strength is assumed to be

\/1 + 2R, u12/3B1, since magnetic field compo-
nents perpendlcular to the shock normal are compressed.
For P 1 =~ 10%, the shock parameters described above
give By near a few hundred pG, in good agreement with
X-ray observations of young SNRs [16, 44].



Electron Spectrum—Once the instantaneous proton
spectrum, f,(p), has been calculated, the instantaneous
electron spectrum, fo(p) is calculated as in [45] using the
analytical approximation provided by [46]:

2
Jo(P) = Kepfo(p) [1+0.523(p/pemax) /] e /Poimas,
()
where pe max is the maximum electron momentum de-
termined by equating the acceleration and synchrotron
loss timescales. K.p, is the normalization of the electron
spectrum relative to that of protons; its value ranges be-
tween 1072 and 10~ [16, 47, 48] but has no bearing on
the spectrum slope.
To determine the cumulative spectrum over the life-
time of an SNR, the electron energy E is evolved by in-
tegrating
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where the first and second terms account for synchrotron
and adiabatic losses respectively (inverse Compton losses
are subdominant). The weighted instantaneous spectra
are then summed to determine a cumulative spectrum,
an example of which shown in Figure 1. It is worth
noting that electron escape upstream will have a
negligible impact on this result, as escape is only
important at the highest energies, where the ac-
celeration time becomes comparable with the age
of the system [2]. When losses are important, the
diffusion length of electrons will not allow them
to escape.
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FIG. 1. Cumulative proton and electron spectra near the

end of the SNR lifetime. In this example, we take nism =
1.0 cm™ and &yj = 3.3 (n ~ 3 x 107%). Electron spectra are
normalized by a factor of 1/Kep for display purposes.

Results.— Having calculated the cumulative proton
and electron spectra ¢(FE) at the end of the SNR lifetime,
i.e., when the shock becomes subsonic and the remnant

merges with the ISM, we estimate the power law slope as

where ¢ is averaged between 10—10* GeV for protons and
between 10 — 100 GeV for electrons. The energy ranges
are chosen to ensure that particles are fully relativistic
and to exclude high-energy cut-offs. The uncertainty in
q is estimated as the standard deviation over the range
of calculation.

Figure 2 shows the resulting average slopes of elec-
tron and proton spectra as a function of n for multiple
values of nigy. We find that the electron spectrum is
consistently steeper than that of protons, regardless of
acceleration efficiency or ISM density. For typical pa-
rameters (n = 1 cm™2 and 1 ~ 3 x 1073, which returns
the canonical P, ~ 10% [37]), Ag¢ = ¢e — gp ~ 0.4.
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FIG. 2. Average slopes ¢ (where f(E) x E™?) of mod-
eled proton spectra (solid bands) and electron spectra (semi-
transparent bands) at various ISM densities as a function of n
(see text for details). Electron spectra are consistently steeper
than proton spectra, regardless of density or n. Note that
the slopes of the proton spectra change little with
density, meaning that some solid bands are hidden.

Figure 2 also implies that g, ge, and Ag depend on n;
when the number of particles injected into DSA increases,
proton and electron spectra steepen. More specifically, in
the low 7 limit, we recover the “test-particle scenario,”
in which the CR pressure is small and magnetic field
amplification inefficient. The result is a proton slope
consistent with the standard DSA prediction (g, =~ 2).
As 7 increases, so too does the efficiency of mag-
netic field amplification and thus the velocity of
magnetic perturbations responsible for scattering
CRs. Since Alfvén waves generated by CRs tend
to travel against the fluid, this increase in mag-
netic field corresponds to a decrease in the effec-
tive compression ratio felt by CRs, resulting in a
steepening of their spectrum [see 29, 49, 50].



An increase in 7 also increases Ag, since larger P, and
hence larger Pg lead to more severe synchrotron losses.
Increasing nigy has a similar effect; the fraction of the
bulk momentum flux converted to magnetic pressure is
roughly constant at the few percent level such that By
plls/f/[vsh (see Figure 4 for a clear illustration of this effect).

Figure 3 provides a more detailed picture of our cal-
culated spectra and further illustrates the impact of syn-
chrotron losses. The color scale indicates the magnitude
of the instantaneous proton flux (top panel) and elec-
tron flux (bottom panel), weighted to account for energy
losses, as a function of energy (x-axis) and time (y-axis).
Note that the electron fluxes are multiplied by a nor-
malization constant 1/K., for display purposes. As sug-
gested in the preceding section, the largest contribution
to the proton spectrum occurs near the onset of the Sedov
stage (t ~ 200 yr).
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FIG. 3. Instantaneous proton (top) and electron (bottom)
spectra, including energy losses, as a function of energy (x-
axis) and time (y-axis). SNR parameters and electron normal-
ization are the same as those in 1. The largest contribution
to the proton spectrum occurs near the end of the ejecta-
dominated stage (¢ ~ 200 yr). The sharp steepening in high-
energy electrons—which produces a distribution in time and
energy that differs significantly from that of protons—reflects
energy lost to synchrotron emission.

To understand how Figure 3 characterizes the syn-
chrotron losses of CR. electrons, recall that, in the case
of protons, Fn.x is determined by equating the accel-
eration timescale, Tpga, with the lifetime of the rem-
nant, 7sNgr, giving Fmax o< Ba(t)t~/5 during the Sedov
stage. This effect is apparent in Figure 3 (top panel),
which shows a clear cutoff at high energies that decreases
with time. Electrons, on the other hand, experience syn-
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FIG. 4. Difference between electron and proton power law
slopes (Aq = ge — gp) for various densities and values of n as
a function of magnetic field strength (B2) at t = 200 yr (i.e.,
when the largest portion of CRs are accelerated; see Figure
3). While the onset of the Sedov stage (and thus the time
at which the largest portion of CRs are accelerated) depends
weakly on n, choosing B at slightly earlier or later times has
a negligible effect on the relationship between By and Ag.
Due to synchrotron losses, stronger magnetic fields produce
steeper electron spectra and thus larger Aq, with saturation
at ~ 0.4. Gray fill indicates the post-shock magnetic field
strength inferred for Tycho [38].

chrotron losses on a timescale Ty, < TsNR, meaning that
their Eax is set by Tpga ™~ Teyn. Moreover, steepening
(or rollover) of the electron spectrum will occur at an
even lower energy, Eyon, above which 74y, S Tgngr. Since
Tayn & By 2E71 we find that E.oy o< By 2t~!. Assuming
that By o< vgp o< t—3/5 during the Sedov stage, the result
is that E,on o< t1/5. Again, this effect is apparent in Fig-
ure 3 (bottom panel), which exhibits a sharp steepening
in energy, the position of which increases with time.

Since the difference between the CR electron and
positron spectra arises from synchrotron losses, it is best
understood in terms of the post-shock magnetic field, By
(see Figure 4). Namely, as By increases, so does Ag,
since an increase in magnetic field strength leads to more
severe synchrotron losses, and thus a steepening of the
electron slope. Most notably, the post-shock magnetic
field strengths inferred, e.g., for the Tycho SNR corre-
spond to 0.3 < Ag < 0.4 (gray band in Figure 4), in per-
fect agreement with its multi-wavelength emission [38].
In general, the typical magnetic fields that we estimate
with CRAFT are consistent with those inferred from ob-
servations, implying that our conclusion that Ag 2 0.3
does not depend on modeling details of magnetic field
amplification.

Discussion.— In summary, we used a semi-analytic
model of non-linear diffusive shock acceleration to model
the spectra of CR protons and electrons accelerated by
SNRs. We find that electrons are injected into the Galaxy



with spectra that are consistently steeper than those of
protons, with a difference in slope of Ag ~ 0.1—0.4. This
steepening is the result of synchrotron losses in the large
magnetic fields inferred in SNRs; therefore, it does not
depend on the microphysics embedded in our model.

Our result may have significant implications for models
of CR propagation in the Galaxy, which typically assume
that protons and electrons are injected with the same
spectrum. In particular, it must be reckoned with the
“positron excess” reported by PAMELA [10] and AMS-
02 [11]. Comparisons between recent AMS-02 positron
and electron data [51, 52], and DAMPE and CALET
electron+positron data [53, 54] suggest that the positron
fraction increases with energy as x o« E°3 between 10
and ~ 300 GeV. In the standard propagation paradigm,
X(E) < E~(@=9%+9) o FAI=9 hence Aq > & + 0.3
could reproduce the rising in the positron fraction with-
out introducing any source of primary positrons, be it
astrophysical (e.g., pulsars) or exotic (dark matter). Al-
though measurements of CR lithium, beryllium,
and boron suggest that § ~ 0.2 — 0.4 [e.g., 55], the
antiproton to proton ratio is instead consistent
with § < 0.1 [56]. This discrepancy is likely due
to the increase in the proton-proton cross sec-
tion with energy, which partially compensates for
diffusive steepening with a hardening of the an-
tiproton spectrum, parameterized by ¢ [57, 58].
Since positrons are produced in proton-proton in-
teractions, too, taking 6 ~ § —e < 0.1 also for the
positrons implies that Ag ~ 0.4 > § + 0.3 can en-
tirely account for the “positron excess.” Note that,
since the positron fraction is the ratio of lepton fluxes, ra-
diative losses do not affect this conclusion. Moreover, the
expected secondary production due to propagation sat-
urates the normalization of the positron spectrum [e.g.,
59], while the positron to antiproton ratio is consistent
with proton-proton branching ratios [e.g. 60-62]. Intrigu-
ingly, these findings suggest that positrons may be of
secondary origin after all, and that the “positron excess”
may in fact be an electron deficit. This picture will be
investigated more quantitatively in a forthcoming paper.

We thank E. Amato, F. Donato, and M. Korsmeier
for their comments and discussions on secondary particle
production. This research was partially supported by
NASA (grant NNX17AG30G and 80NSSC18K1726) and
NSF (grant AST-1714658).

[1] A. M. Hillas, Journal of Physics G Nuclear Physics 31,
95 (2005).

[2] D. Caprioli, E. Amato, and P. Blasi, APh 33, 160 (2010),
arXiv:0912.2964 [astro-ph.HE].

[3] E. Fermi, Ap. J. 119, 1 (1954).

[4] G. F. Krymskii, Akademiia Nauk SSSR Doklady 234,
1306 (1977).

[5] W. L. Axford, E. Leer, and G. Skadron, in Acceleration
of Cosmic Rays at Shock Fronts, International Cosmic
Ray Conference, Vol. 2 (1977) pp. 273—.

[6] A. R. Bell, MNRAS 182, 147 (1978).

[7] R. D. Blandford and J. P. Ostriker, ApJL 221, L29
(1978).

[8] M. Aguilar et al. [AMS Collaboration], Phys. Rev. Lett.
117, 231102 (2016).

[9] P. Lipari, Phys. Rev. D 99, 043005 (2019).

[10] O. Adriani, [PAMELA Collaboration]|, Phys. Rev. Lett.
111, 081102 (2013).

[11] L. Accardo et al. [AMS Collaboration], Phys. Rev. Lett.
113, 121101 (2014).

[12] E. Amato and P. Blasi, Advances in Space Research 62,
2731 (2018), origins of Cosmic Rays.

[13] J. Skilling, MNRAS 172, 557 (1975a).

[14] A. R. Bell, MNRAS 353, 550 (2004).

[15] E. Amato and P. Blasi, MNRAS 392, 1591 (2009),
arXiv:0806.1223.

[16] H. J. Volk, E. G. Berezhko, and L. T. Ksenofontov, A&A
433, 229 (2005), astro-ph/0409453.

[17] D. Caprioli, P. Blasi, E. Amato, and M. Vietri, MNRAS
395, 895 (2009), arXiv:0807.4261.

[18] Y. Ohira, R. Yamazaki, N. Kawanaka, and K. Ioka, MN-
RAS 427, 91 (2012), arXiv:1106.1810 [astro-ph.HE].

[19] E. G. Berezhko and L. T. Ksenofontov, Journal of
Physics: Conference Series 409, 012025 (2013).

[20] R. Diesing and D. Caprioli, Physical Review Letters 121,
091101 (2018), arXiv:1804.09731 [astro-ph.HE].

[21] D. Caprioli and A. Spitkovsky, Astrophys. J. 794, 47
(2014), arXiv:1407.2261 [astro-ph.HE].

[22] M. Cardillo, E. Amato, and P. Blasi, APh 69, 1 (2015),
arXiv:1503.03001 [astro-ph.HE].

[23] A. R. Bell, K. M. Schure, B. Reville, and G. Giacinti,
MNRAS 431, 415 (2013), arXiv:1301.7264 [astro-ph.HE].

[24] J. K. Truelove and C. F. Mc Kee, ApJ Supplement Series
120, 299 (1999).

[25] G. S. Bisnovatyi-Kogan and S. A. Silich, Reviews of Mod-
ern Physics 67, 661 (1995).

[26] J. P. Ostriker and C. F. McKee, Reviews of Modern
Physics 60, 1 (1988).

[27] R. Bandiera and O. Petruk, A&A 419, 419 (2004), astro-
ph/0402598.

[28] D. Caprioli, E. Amato, and P. Blasi, APh 33, 307 (2010),
arXiv:0912.2714 [astro-ph.HE].

[20] D. Caprioli, JCAP 7, 038 (2012), arXiv:1206.1360 [astro-
ph.HE].

[30] E. Amato and P. Blasi, MNRAS 364, L.76 (2005), astro-
ph/0509673.

[31] E. Amato and P. Blasi, MNRAS 371, 1251 (2006), astro-
ph/0606592.

[32] D. Caprioli et al., MNRAS 407, 1773
arXiv:arXiv:1005.2127 [astro-ph.HE].

[33] P. Blasi, S. Gabici, and G. Vannoni, MNRAS 361, 907
(2005), astro-ph/0505351.

[34] M. A. Malkov, Phys. Rev. E 58,4911 (1998), arXiv:astro-
ph/9806340.

[35] H. Kang, T. W. Jones, and U. D. J. Gieseler, Astrophys.
J. 579, 337 (2002), arXiv:astro-ph/0207410 [astro-ph].

[36] D. Caprioli, A. Pop, and A. Spitkovsky, ApJ Letters
798, 28 (2015), arXiv:1409.8291 [astro-ph.HE].

[37] D. Caprioli and A. Spitkovsky, Astrophys. J. 783, 91
(2014), arXiv:1310.2943 [astro-ph.HE].

[38] G. Morlino and D. Caprioli, A&A 538, A81 (2012),

(2010),


http://dx.doi.org/10.1088/0954-3899/31/5/R02
http://dx.doi.org/10.1088/0954-3899/31/5/R02
http://dx.doi.org/10.1016/j.astropartphys.2010.01.002
http://arxiv.org/abs/0912.2964
http://dx.doi.org/10.1086/145789
http://adsabs.harvard.edu/cgi-bin/nph-bib_query?bibcode=1977DoSSR.234R1306K&db_key=AST
http://adsabs.harvard.edu/cgi-bin/nph-bib_query?bibcode=1977DoSSR.234R1306K&db_key=AST
http://adsabs.harvard.edu/abs/1977ICRC....2..273A
http://adsabs.harvard.edu/abs/1977ICRC....2..273A
http://adsabs.harvard.edu/cgi-bin/nph-bib_query?bibcode=1978MNRAS.182..147B&db_key=AST
http://dx.doi.org/10.1086/182658
http://dx.doi.org/10.1086/182658
http://dx.doi.org/ 10.1103/PhysRevLett.117.231102
http://dx.doi.org/ 10.1103/PhysRevLett.117.231102
http://dx.doi.org/10.1103/PhysRevD.99.043005
http://dx.doi.org/ 10.1103/PhysRevLett.111.081102
http://dx.doi.org/ 10.1103/PhysRevLett.111.081102
http://dx.doi.org/ 10.1103/PhysRevLett.113.121101
http://dx.doi.org/ 10.1103/PhysRevLett.113.121101
http://dx.doi.org/https://doi.org/10.1016/j.asr.2017.04.019
http://dx.doi.org/https://doi.org/10.1016/j.asr.2017.04.019
http://adsabs.harvard.edu/abs/1975MNRAS.172..557S
http://dx.doi.org/10.1111/j.1365-2966.2004.08097.x
http://dx.doi.org/10.1111/j.1365-2966.2008.14200.x
http://arxiv.org/abs/0806.1223
http://dx.doi.org/10.1051/0004-6361:20042015
http://dx.doi.org/10.1051/0004-6361:20042015
http://arxiv.org/abs/astro-ph/0409453
http://dx.doi.org/10.1111/j.1365-2966.2009.14570.x
http://dx.doi.org/10.1111/j.1365-2966.2009.14570.x
http://arxiv.org/abs/0807.4261
http://dx.doi.org/10.1111/j.1365-2966.2012.21908.x
http://dx.doi.org/10.1111/j.1365-2966.2012.21908.x
http://arxiv.org/abs/1106.1810
http://dx.doi.org/10.1088/1742-6596/409/1/012025
http://dx.doi.org/10.1088/1742-6596/409/1/012025
http://dx.doi.org/10.1103/PhysRevLett.121.091101
http://dx.doi.org/10.1103/PhysRevLett.121.091101
http://arxiv.org/abs/1804.09731
http://dx.doi.org/10.1088/0004-637X/794/1/47
http://dx.doi.org/10.1088/0004-637X/794/1/47
http://arxiv.org/abs/1407.2261
http://dx.doi.org/10.1016/j.astropartphys.2015.03.002
http://arxiv.org/abs/1503.03001
http://dx.doi.org/10.1093/mnras/stt179
http://arxiv.org/abs/1301.7264
http://dx.doi.org/10.1086/313176
http://dx.doi.org/10.1086/313176
http://dx.doi.org/10.1103/RevModPhys.67.661
http://dx.doi.org/10.1103/RevModPhys.67.661
http://dx.doi.org/10.1103/RevModPhys.60.1
http://dx.doi.org/10.1103/RevModPhys.60.1
http://dx.doi.org/10.1051/0004-6361:20035950
http://arxiv.org/abs/astro-ph/0402598
http://arxiv.org/abs/astro-ph/0402598
http://dx.doi.org/10.1016/j.astropartphys.2010.03.001
http://arxiv.org/abs/0912.2714
http://dx.doi.org/10.1088/1475-7516/2012/07/038
http://arxiv.org/abs/1206.1360
http://arxiv.org/abs/1206.1360
http://dx.doi.org/10.1111/j.1745-3933.2005.00110.x
http://arxiv.org/abs/astro-ph/0509673
http://arxiv.org/abs/astro-ph/0509673
http://dx.doi.org/10.1111/j.1365-2966.2006.10739.x
http://arxiv.org/abs/astro-ph/0606592
http://arxiv.org/abs/astro-ph/0606592
http://dx.doi.org/10.1111/j.1365-2966.2010.17013.x
http://arxiv.org/abs/arXiv:1005.2127
http://dx.doi.org/10.1111/j.1365-2966.2005.09227.x
http://dx.doi.org/10.1111/j.1365-2966.2005.09227.x
http://arxiv.org/abs/astro-ph/0505351
http://dx.doi.org/10.1103/PhysRevE.58.4911
http://arxiv.org/abs/arXiv:astro-ph/9806340
http://arxiv.org/abs/arXiv:astro-ph/9806340
http://dx.doi.org/10.1086/342724
http://dx.doi.org/10.1086/342724
http://arxiv.org/abs/astro-ph/0207410
http://arxiv.org/abs/1409.8291
http://dx.doi.org/10.1088/0004-637X/783/2/91
http://dx.doi.org/10.1088/0004-637X/783/2/91
http://arxiv.org/abs/1310.2943
http://dx.doi.org/10.1051/0004-6361/201117855

arXiv:arXiv:1105.6342 [astro-ph.HE].

[39] D. Caprioli and A. Spitkovsky, Astrophys. J. 794, 46
(2014), arXiv:1401.7679 [astro-ph.HE].

[40] E. Parizot et al., A&A 453, 387 (2006), astro-
ph/0603723.

[41] A. Bamba, R. Yamazaki, T. Yoshida, T. Terasawa, and
K. Koyama, ApJ 621, 793 (2005), astro-ph/0411326.

[42] G. Morlino, E. Amato, P. Blasi, and D. Caprioli, MN-
RAS 405, 121 (2010), arXiv:0912.2972 [astro-ph.HE].

[43] S. M. Ressler et al., Astrophys. J. 790, 85 (2014),
arXiv:1406.3630 [astro-ph.HE].

[44] D. Caprioli, P. Blasi, E. Amato, and M. Vietri, ApJ Lett
679, L139 (2008), arXiv:0804.2884.

[45] G. Morlino, E. Amato, and P. Blasi, MNRAS 392, 240
(2009), arXiv:0810.0094.

[46] V. N. Zirakashvili and F. Aharonian, A&A 465, 695
(2007).

[47] J. Park, D. Caprioli, and A. Spitkovsky, Physical Re-
view Letters 114, 085003 (2015), arXiv:1412.0672 [astro-
ph.HE].

[48] S. K. Sarbadhicary, C. Badenes, L. Chomiuk, D. Capri-
oli, and D. Huizenga, MNRAS 464, 2326 (2017),
arXiv:1605.04923 [astro-ph.HE].

[49] V. N. Zirakashvili and V. S. Ptuskin, astro-ph/0807.2754
(2008), arXiv:0807.2754.

[50] D. Caprioli, JCAP 5, 26 (2011), arXiv:1103.2624 [astro-
ph.HE].

[51] M. Aguilar et al. [AMS Collaboration], Phys. Rev. Lett.
122, 041102 (2019).

[52] M. Aguilar et al. [AMS Collaboration], Phys. Rev. Lett.
122, 101101 (2019).

[63] G. Ambrosi et al. [DAMPE Collaboration], Nature (Lon-
don) 552, 63 (2017), arXiv:1711.10981 [astro-ph.HE].

[54] O. Adriani et al. [CALET Collaboration], Phys. Rev.
Lett. 119, 181101 (2017).

[65] M. Aguilar et al. [AMS Collaboration], Phys. Rev. Lett.
120, 021101 (2018).

[66] M. Aguilar et al. [AMS Collaboration], Phys. Rev. Lett.
117, 091103 (2016).

[67] F. Donato and P. D. Serpico, Phys. Rev. D 83, 023014
(2011), arXiv:1010.5679 [astro-ph.HE].

[68] M. Korsmeier, F. Donato, and M. Di Mauro, Phys. Rev.
D 97, 103019 (2018).

[59] K. Blum, B. Katz, and E. Waxman, Phys. Rev. Lett.
111, 211101 (2013).

[60] P. Lipari, Phys. Rev. D 95, 063009 (2017).

[61] P. Lipari, arXiv e-prints , arXiv:1902.06173 (2019),
arXiv:1902.06173 [astro-ph.HE].

[62] K. Blum, R. Sato, and M. Takimoto, Phys. Rev. D 98,
063022 (2018), arXiv:1709.04953 [astro-ph.HE].


http://arxiv.org/abs/arXiv:1105.6342
http://dx.doi.org/10.1088/0004-637X/794/1/46
http://dx.doi.org/10.1088/0004-637X/794/1/46
http://arxiv.org/abs/1401.7679
http://dx.doi.org/10.1051/0004-6361:20064985
http://arxiv.org/abs/astro-ph/0603723
http://arxiv.org/abs/astro-ph/0603723
http://dx.doi.org/ 10.1086/427620
http://arxiv.org/abs/astro-ph/0411326
http://dx.doi.org/10.1111/j.1745-3933.2010.00851.x
http://dx.doi.org/10.1111/j.1745-3933.2010.00851.x
http://arxiv.org/abs/0912.2972
http://dx.doi.org/10.1088/0004-637X/790/2/85
http://arxiv.org/abs/1406.3630
http://dx.doi.org/10.1086/589505
http://dx.doi.org/10.1086/589505
http://arxiv.org/abs/0804.2884
http://dx.doi.org/10.1111/j.1365-2966.2008.14033.x
http://dx.doi.org/10.1111/j.1365-2966.2008.14033.x
http://arxiv.org/abs/0810.0094
http://dx.doi.org/10.1051/0004-6361:20066494
http://dx.doi.org/10.1051/0004-6361:20066494
http://dx.doi.org/10.1103/PhysRevLett.114.085003
http://dx.doi.org/10.1103/PhysRevLett.114.085003
http://arxiv.org/abs/1412.0672
http://arxiv.org/abs/1412.0672
http://dx.doi.org/10.1093/mnras/stw2566
http://arxiv.org/abs/1605.04923
http://adsabs.harvard.edu/abs/2008arXiv0807.2754Z
http://adsabs.harvard.edu/abs/2008arXiv0807.2754Z
http://arxiv.org/abs/0807.2754
http://dx.doi.org/10.1088/1475-7516/2011/05/026
http://arxiv.org/abs/1103.2624
http://arxiv.org/abs/1103.2624
http://dx.doi.org/ 10.1103/PhysRevLett.122.041102
http://dx.doi.org/ 10.1103/PhysRevLett.122.041102
http://dx.doi.org/ 10.1103/PhysRevLett.122.101101
http://dx.doi.org/ 10.1103/PhysRevLett.122.101101
http://dx.doi.org/ 10.1038/nature24475
http://dx.doi.org/ 10.1038/nature24475
http://arxiv.org/abs/1711.10981
http://dx.doi.org/ 10.1103/PhysRevLett.119.181101
http://dx.doi.org/ 10.1103/PhysRevLett.119.181101
http://dx.doi.org/ 10.1103/PhysRevLett.120.021101
http://dx.doi.org/ 10.1103/PhysRevLett.120.021101
http://dx.doi.org/ 10.1103/PhysRevLett.117.091103
http://dx.doi.org/ 10.1103/PhysRevLett.117.091103
http://dx.doi.org/10.1103/PhysRevD.83.023014
http://dx.doi.org/10.1103/PhysRevD.83.023014
http://arxiv.org/abs/1010.5679
http://dx.doi.org/10.1103/PhysRevD.97.103019
http://dx.doi.org/10.1103/PhysRevD.97.103019
http://dx.doi.org/10.1103/PhysRevLett.111.211101
http://dx.doi.org/10.1103/PhysRevLett.111.211101
http://dx.doi.org/10.1103/PhysRevD.95.063009
http://arxiv.org/abs/1902.06173
http://dx.doi.org/10.1103/PhysRevD.98.063022
http://dx.doi.org/10.1103/PhysRevD.98.063022
http://arxiv.org/abs/1709.04953

	On the Spectrum of Electrons Accelerated in Supernova Remnants
	Abstract
	Acknowledgments
	References


